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ABSTRACT
We perform numerical simulations of the growth of a Population III stellar system under photodissociating
feedback. We start from cosmological initial conditions at z = 100, self-consistently following the formation of
a minihalo at z = 15 and the subsequent collapse of its central gas to high densities. The simulations resolve
scales as small as ∼ 1 AU, corresponding to gas densities of 1016 cm−3. Using sink particles to represent the
growing protostars, we evolve the stellar system for the next 5000 yr. We find that this emerging stellar group
accretes at an unusually low rate compared with minihalos which form at earlier times (z = 20 − 30), or with
lower baryonic angular momentum. The stars in this unusual system will likely reach masses ranging from < 1
M⊙ to∼ 5 M⊙ by the end of their main-sequence lifetimes, placing them in the mass range for which stars will
undergo an asymptotic giant branch (AGB) phase. Based upon the simulation, we predict the rare existence
of Population III stars that have survived to the present day and have been enriched by mass overflow from a
previous AGB companion.
Subject headings: cosmology: theory - dark ages, reionization, first stars - stars: formation - stars: Population
III
1. INTRODUCTION
Following the emission of the cosmic microwave back-
ground, the universe entered a period referred to as the ‘dark
ages’, when no luminous objects had yet formed. During this
time, self-gravitating dark matter (DM) halos gradually grew
in mass through the process of hierarchical merging. The dark
ages ended when first stars, also known as Population III (Pop
III), formed at z& 20 within DM minihalos of mass∼ 106 M⊙
(e.g., Haiman et al. 1996; Tegmark et al. 1997; Yoshida et al.
2003).
The typical mass of Pop III stars remains an open ques-
tion that is crucial to our understanding of the evolu-
tion of the early universe (Bromm 2013). Their mass
determines the rate at which they emitted ionizing ra-
diation, and thus the extent to which they contributed
to the reionization of the universe (e.g., Kitayama et al.
2004; Sokasian et al. 2004; Whalen et al. 2004; Alvarez et al.
2006; Johnson et al. 2007). In addition, the Pop III mass
determines how much they contributed to the metallic-
ity of the intergalactic medium (IGM; Madau et al. 2001;
Mori et al. 2002; Bromm et al. 2003; Wada & Venkatesan
2003; Norman et al. 2004; Tornatore et al. 2007; Greif et al.
2007, 2010; Wise & Abel 2008; Wise et al. 2012; Maio et al.
2011; recently reviewed in Karlsson et al. 2013). For in-
stance, Pop III stars with main sequence masses in the range
40 M⊙ < M∗ < 140 M⊙ or M∗ > 260 M⊙ are expected to
collapse directly into black holes, therefore releasing virtu-
ally no metals into the IGM. On the other hand, stars with
mass 140 M⊙ < M∗ < 260 M⊙ are predicted to explode as
pair-instability supernovae (PISNe; Heger & Woosley 2002),
thereby releasing the entirety of their metal content into
the IGM and surrounding halos. We furthermore note re-
cent work which has found that stellar rotation may signifi-
cantly lower the PISN mass range (Chatzopoulos & Wheeler
2012; Yoon et al. 2012). Primordial stars within the range
15 M⊙ < M∗ < 40 M⊙ will end their lives as core-collapse
SNe, or possibly hypernovae in the case of rapid rotation (e.g.,
Nomoto et al. 2003). Constraining the initial mass of Pop III
stars is therefore central to understanding how the radiation
and metallicity they released affected the formation of later
stellar generations.
Earlier work predicted that Pop III stars would form as
single stars and grow to be very massive (& 100 M⊙; e.g.,
Abel et al. 2002; Bromm et al. 2002; Bromm & Loeb 2004;
Yoshida et al. 2008). An analytical study by McKee & Tan
(2008) found that even when accounting for radiative feed-
back, a protostar can grow to greater than 100 M⊙. Though
a portion of the inflow towards the protostar will be reversed
due to a growing ionization front (I-front), this I-front will
expand preferentially in directions perpendicular to the pro-
tostellar disk, while accretion through the disk can continue
unimpeded until much later times.
In contrast to the above picture of single and massive Pop
III stars, more recent work has shown that primordial gas
will undergo fragmentation and develop into a disk within
which a stellar multiple system will form (e.g. Clark et al
2008; 2011a). Such fragmentation is seen in simulations
even when initialized on cosmological scales (e.g., Turk et al.
2009; Stacy et al. 2010). Furthermore, Pop III multiplicity oc-
curs down to very small scales (∼ 10 AU) and in the majority
of minihalos (Clark et al. 2011b, Greif et al. 2011), even when
accounting for the effects of feedback from protostellar accre-
tion luminosity (Smith et al. 2011; Stacy et al. 2012). Though
a number of the above simulations exhibited disk fragmen-
tation, the resolution study by Turk et al. (2012) found that
increasing the number of resolution elements per Jeans mass
leads to variation in gas morphology and suppression of disk
formation. They did not follow subsequent protostellar accre-
tion, however, so whether fragmentation instabilities might
later develop could not be determined. Latif et al. (2013) per-
formed a similar study but followed the gas evolution beyond
the formation of the first peak to find that self-gravitating
disks with very rapid accretion rates (10−2 M⊙ yr−1) will in-
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deed develop.
Several studies thus provide evidence that disk instabil-
ity will develop after the first protostar arises in a primor-
dial minihalo. In addition, a fraction of minihalos may also
be subject to earlier fragmentation in a pre-collapse phase.
Greif et al. (2013) find that this will lead to secondary clumps
in at least two out of nine minihalos even before a proto-
star forms. Though these recent studies generally imply a
broader IMF for Pop III stars, the predicted IMFs remain
top-heavy. The primordial stellar systems still exhibit rapid
accretion rates compared to modern-day star formation (e.g.,
Stacy & Bromm 2013), and the most massive star in each sys-
tem is still expected to eventually reach very high masses (&
10 M⊙).
In this paper we present the first three-dimensional numer-
ical simulation to follow the growth of a Pop III stellar sys-
tem from cosmological initial conditions while also resolving
nearly protostellar scales (∼ 100 R⊙) and accounting for the
effects of photodissociating radiation. Recent work has found
that 100 R⊙ (∼ 1 AU) is approximately the maximum radius
reached by a Pop III protostar during its pre-main sequence
evolution (see e.g., Hosokawa et al. 2010, Smith et al 2011b).
Resolving these small scales corresponds to evolving the gas
up to a maximum density of 1016 cm−3, at which point we
continue the gas evolution for a further 5000 yr by employ-
ing sink particles to represent the growing protostars. At this
high density the gas is quickly approaching complete optical
thickness to continuum radiation (1018 cm−3) and will not un-
dergo further fragmentation on sub-sink scales (Yoshida et al.
2008). Our calculation therefore allows us to determine the
true number of protostars that form within the central region
of the host minihalo without missing any fragmentation due
to lack of spatial resolution.
While our numerical feedback model is also able to fol-
low the effects of ionizing radiation from a growing protostar
(e.g., Greif et al. 2009), we find that the particular protostellar
system we simulate does not contain stars sufficiently mas-
sive to produce an HII region. This is an unusual system with
significant variation from the more typical rapidly-accreting
Pop III protostars studied in above-mentioned work. Instead,
the most massive star of the system considered here will most
likely undergo an asymptotic giant branch (AGB) phase en
route to becoming a white dwarf.
The AGB phase, which occurs for stars with initial masses
between ∼ 0.8 and 8 M⊙, plays an influential role in Galac-
tic chemical evolution, so there is much interest in under-
standing the metal yields of low-metallicity AGB stars (e.g.,
Karakas 2010; Campbell & Lattanzio 2008; Karakas 2010;
Karakas & Lugaro 2010). Similarly, if a significant popula-
tion of AGB stars existed at high redshift, this would have
consequences for metal and dust production in the early uni-
verse. Observations of high-redshift (z & 6) galaxies and
quasars indicate that significant amounts of dust had already
formed at these early times, and the origin of such rapid dust
production remains a subject of study (Bertoldi et al. 2003;
Valiante et al. 2009; Cherchneff & Dwek 2010; Gall et al.
2011). Though SNe were likely the major source of dust at
these early times, Pop III AGB stars could have provided a
significant contribution as well. This applies in particular to
stars such as the three most massive ones we present from our
simulation, predicted to reach 3-5 M⊙. These stars have suf-
ficiently short main-sequence lifetimes (∼ 108 yr) to undergo
an AGB phase by z = 6. In contrast, the smaller 1 M⊙ stars
from our simulation are too long lived to provide any dust or
metallicity contribution. The more massive AGB stars could
also have significantly contributed to carbon and nitrogen pro-
duction in the early universe, as well as s-process elements
(Busso et al. 2001; Siess et al. 2002; Siess & Goriely 2003).
Though much study of Pop III stars to date has empha-
sized the high-mass end of the Pop III IMF, we note that even
some early studies predicted that typical Pop III stellar masses
might be quite low, . 1 M⊙. For instance, Kashlinsky & Rees
(1983) emphasized the importance of angular momentum in
determining the mass of Pop III stars, predicting that rota-
tional effects would cause the primordial gas clouds to col-
lapse into a dense disk. Only after the disk cooled to ∼
1000 K through H2 line emission could fragmentation occur.
Nakamura & Umemura (2001) predicted that fragmentation
of primordial filaments would lead to a bimodal IMF, with a
peak at ∼ 1 M⊙ as well as at 100 M⊙.
Here, we further explore the possible parameter space for
Pop III star formation by modeling with high accuracy the
growth of an unusually low-mass primordial system. Such
cases are expected to be rare, since most Pop III systems have
been found to contain one or more high-mass stars that likely
dominated the overall Pop III impact on the IGM and later
stellar generations. However, such low-mass stars as found
in our simulation were potential survivors to the present-day,
and may in principle be discovered within the Milky Way halo
or nearby dwarf galaxies. In Section 2 we describe our nu-
merical methodology, in Section 3 we discuss our protostellar
evolution model, and in Section 4 we present our results. We
discuss the impact of a global Lymanâ ˘AS¸Werner (LW) back-
ground in Section 5, and we conclude in Section 6.
2. NUMERICAL METHODOLOGY
2.1. Initial Setup
We carry out our investigation using GADGET-2, a widely-
tested three-dimensional N-body and SPH code (Springel
2005). We begin with a 200 kpc (comoving) box containing
1283 SPH gas particles and the same number of DM particles.
The simulation is initialized at z = 100. Positions and veloci-
ties are assigned to the particles in accordance with a ΛCDM
cosmology with ΩΛ = 0.7, ΩM = 0.3, ΩB = 0.04, σ8 = 0.9, and
h = 0.7. The gas and DM evolution is followed until the first
minihalo forms and its central gas density reaches 104 cm−3.
Once the site of the first minihalo is determined, the sim-
ulation is performed at higher resolution, starting again at
z = 100. The increased resolution is attained using a hi-
erarchical zoom-in procedure (e.g. Navarro & White 1994;
Tormen et al. 1997; Gao et al. 2005) in which four nested re-
finement boxes are placed within the cosmological box, cen-
tered on the site where the minihalo will eventually form.
Within each refinement level, each particle from the lower
level is replaced with eight ‘child’ particles, so that in the
most refined region the parent particle is replaced by 4096
child particles. The four refinement levels have lengths of 40,
35, 30, and 20 h−1 kpc (comoving), so that the most highly
refined level encompasses all the mass that will later be in-
corporated into the minihalo. The most refined SPH parti-
cles have mass mSPH = 5× 10−3 M⊙, and the resolution mass
of the refined simulation is Mres ≃ 1.5NneighmSPH . 0.3M⊙,
where Nneigh ≃ 40 is the typical number of particles in the
SPH smoothing kernel (e.g., Bate & Burkert 1997).
2.2. Cut-Out Technique and Particle Splitting
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To increase computational efficiency, once the gas has
reached densities of 1012 cm−3 we employ a ‘cut-out’ tech-
nique in which all gas and DM beyond 3 pc from the densest
gas particle is removed. At this point the central star-forming
gas is gravitationally bound and under minimal influence from
the mass of the outer minihalo and more distant regions of the
cosmological box. The total mass of the cut-out is 3500 M⊙,
and the minimum density is ∼ 102 cm−3 (see, e.g., Stacy et al.
2012 for further details).
At the same time that we cut out the central 3 pc of the
cosmological box, we also further increase the particle reso-
lution so that collapse to densities of 1016 cm−3 can be prop-
erly followed. We thus replace each SPH particle with 8
child particles, each of which is placed randomly within the
smoothing kernel of the parent particle. The mass of the par-
ent particle is then evenly divided amongst the child parti-
cles. Each of these particles inherits the same chemical abun-
dances, velocity, and entropy as the parent particle (see, e.g.,
Bromm & Loeb 2003, Clark et al. 2011b). This ensures con-
servation of mass, internal energy, and linear momentum. Af-
ter this process, each SPH particle in the new cut-out simula-
tion has a mass of msph = 6×10−4 M⊙, and the new resolution
mass is Mres ≃ 0.03 M⊙. This final Mres is close to the mass
of the pressure-supported atomic core which develops once
the opacity limit is reached (Yoshida et al. 2008), defining the
point at which the protostar has first formed.
2.3. Chemistry, Heating, and Cooling
We utilize the same chemistry and thermal network as de-
scribed in detail by Greif et al. (2009) and used in Stacy et al.
(2012). In short, the code follows the abundance evolution
of H, H+, H−, H2, H+2 , He, He+, He++, and e−, as well as the
three deuterium species D, D+, and HD. All relevant cooling
mechanisms, including H2 collisions with H and He as well
as other H2 molecules, are included. The thermal network
also accounts for cooling through H2 collisions with protons
and electrons, H and He collisional excitation and ionization,
recombination, bremsstrahlung, and inverse Compton scatter-
ing.
Further H2 processes must also be included to properly
model gas evolution to high densities. For instance, the chem-
istry and thermal network includes three-body H2 formation
and the concomitant H2 formation heating, which become im-
portant at n & 108 cm−3. Furthermore, when n & 109 cm−3,
cooling through H2 ro-vibrational lines becomes less effective
as these lines grow optically thick. This is accounted for us-
ing an escape probability formalism together with the Sobolev
approximation (see Yoshida et al. 2006; Greif et al. 2011 for
further details). Simple fitting formulae are also available for
estimating optically thick H2 rates (e.g., Ripamonti & Abel
2004). However, Hirano & Yoshida (2013) find that fitting
formulae can overestimate the cooling rate, such as in cases
when the gas has a subtantial degree of rotation. This can lead
to significant differences in gas evolution, such as accelerated
gravitational collapse, when using fitting formulae as opposed
to the more accurate Sobolev method.
The most important new process utilized in the thermal net-
work is H2 collision-induced emission (CIE) cooling, which
becomes significant when n & 1014 cm−3 (Frommhold 1994).
As described in Greif et al. (2011), the reduction of the CIE
cooling rate due to the effects of continuum opacity is handled
through the following prescription (Ripamonti et al. 2002;
Ripamonti & Abel 2004):
ΛCIE,thick = ΛCIE,thin min
(
1 − e−τCIE
τCIE
,1
)
, (1)
where
τCIE =
(
nH2
7× 1015 cm−3
)2.8
, (2)
ΛCIE,thin is the CIE cooling rate in the optically thin limit, and
ΛCIE,thick that in optically thick conditions. Hirano & Yoshida
(2013) compared gas evolution when continuum opacity ef-
fects are calculated using the above fitting formula, and when
they are instead estimated using 3D raytracing. They find that
when the fitting formula is used the gas collapses to ∼ 1017
cm−3 only slightly faster, by ∼ 1 yr. The differences in the
thermal evolution are also minimal between the two methods.
We thus expect the fitting formula above to be sufficiently
accurate. However, while Hirano & Yoshida (2013) modeled
runaway gas collapse, it is possible that the differences would
be more substantial when considering longer-term evolution
of a disk, and this will be further examined in future work.
2.4. Sink Particle Method
When an SPH particle reaches a density of nmax = 1016
cm−3, it is converted to a sink particle (e.g., Bate et al. 1995;
Bromm et al. 2002; Martel et al. 2006; see also Stacy et al.
2012 for further details on the employed sink particle
method.) The sink then grows in mass by accreting surround-
ing particles within its accretion radius, which we set equal to
the resolution length such that racc = Lres ≃ 1.0 AU.
The sink accretes a gas particle within racc as long as the
particle is not rotationally supported against infall onto the
sink. This is determined by checking that the particle sat-
isfies jSPH < jcent, where jSPH = vrotd is the specific angular
momentum of the gas particle, jcent =
√
GMsinkracc the level
required for centrifugal support, and vrot and d are the rota-
tional velocity and distance of the particle relative to the sink.
Particles that satisfy these criteria are removed from the sim-
ulation, and their mass is added to that of the sink. When
the sink first forms it immediately accretes most of the par-
ticles within its smoothing length, so its initial mass is near
the resolution mass of the simulation, Mres ≃ 3× 10−2 M⊙.
Its position and velocity are set to the average of that of the
accreted particles.
These same accretion criteria are additionally used to deter-
mine whether two sinks may be merged. However, we note
that modifications to the sink merging algorithm can signifi-
cantly alter the sink accretion history (Greif et al. 2011). Re-
cent work by Greif et al. (2012) has resolved sub-protostellar
scales (0.05 R⊙) of primordial star-forming gas, tracking the
merger rate of protostars by following their interactions with-
out using sinks. They find that approximately half of the
secondary protostars formed will indeed migrate towards and
merge with the initial protostar. Our merging algorithm leads
to a similar fraction of secondary sinks merging with the main
sink. After the first sink arises, six secondaries later form,
but two of them eventually merge with the initial sink. This
roughly agrees with what Greif et al. (2012) find to occur on
sub-sink scales.
2.5. Ray-tracing Scheme
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Once the first sink particle forms, it represents a newly
formed protostar and is used as the point source for mod-
eling the effects of LW radiation emanating from the pro-
tostar. We use the same scheme as described in Stacy et al.
(2012). Briefly, our ray-tracing module generates a spherical
grid, consisting of ∼ 105 rays and 200 radial bins, centered
around the first sink. The minimum radius is set equal to the
distance between the sink and the nearest neighboring SPH
particle, and the grid is updated each time the ray-tracing is
performed. Most particles within racc from the sink are ac-
creted, so the minimum radius is usually close to 1.0 AU. The
bins are logarithmically spaced from the minimum distance to
3 pc, the size of the cut-out region. Each SPH particle within a
bin then contributes its density and chemical abundances, pro-
portional to its density squared, to the average values assigned
to the bin.
Also as in Stacy et al. (2012), we then use the ray-tracing
scheme to determine the H2 column density NH2 , and from
this we determine the shielding factor fshield with the fitting
formula from Draine & Bertoldi (1996). We note a recent up-
date to the fshield prescription by Wolcott-Green et al. (2011)
and Wolcott-Green & Haiman (2011), but do not expect this
to significantly affect the results for our particular case. We
combine this with a protostellar evolution model (see Section
3) in which we assume a blackbody spectrum with an effec-
tive temperature Teff, as specified by that model. We then de-
termine the approximate LW radiation flux FLW, in units of
erg s−1 cm−2 Hz−1, at hν = 12.87eV (Abel et al. 1997). This
finally allows for a determination of the H2 dissociation rate,
kH2 = 1.1× 108 fshield FLW s−1, (3)
to be included in our chemical network.
3. PROTOSTELLAR EVOLUTION MODEL
3.1. Luminosity and Temperature Evolution
Our ray-tracing algorithm requires an input of protostellar
effective temperature Teff and luminosity L∗. We calculate L∗
as the sum of Lacc, the accretion luminosity, and Lint, the lumi-
nosity originating from the stellar interior and finally emitted
from the photosphere of the protostar. We write L∗ as
L∗ = Lacc + Lint = α
GM∗M˙
R∗
+ Lint, (4)
where M∗ is the protostellar mass, M˙ the accretion rate,
and R∗ the protostellar radius (c.f. Prialnik & Livio 1985;
Hartmann et al. 1997). We take M∗ to be the mass of the sink,
and M˙ to be the accretion rate onto the sink, measured by av-
eraging the total mass growth of the sink over the previous
10 yr. If the measured sink accretion rate yields M˙ ≃ 0, we
simply assume the protostar is described by L∗ = Lint.
We define α as the fraction of thermal energy from ac-
cretion that is added to the stellar interior. Cold disk accre-
tion would thus be described by α = 0, while for hot spher-
ical accretion α = 1. For the main sink particle, we deter-
mine α by measuring jSPH of each particle accreted by the
sink within the last 10 yr, as well as each particle currently
within 10 AU from the sink. This allows us to find the per-
centage of nearby and recently accreted particles that have
low angular momentum ( jSPH < 0.5 jcent) versus high angu-
lar momentum ( jSPH > 0.5 jcent). As described in Section 2.5,
jSPH = vrotd is the angular momentum of the gas particle and
jcent =
√
GMsinkracc is the angular momentum required for cen-
trifugal support against infall onto the sink. We take α to be
the fraction of particles with jSPH < 0.5 jcent, such that α = 1 if
the near-sink gas is dominated by radial instead of rotational
motion.
Lint will vary with the mass of the protostar. When the pro-
tostar first forms and has low mass, we assume it is on the
Hayashi track of the Hertzsprung-Russell diagram. We ap-
proximate this by holding the protostar at an effective temper-
ature of THay = 4500 K while its luminosity may vary. This
yields a ‘Hayashi track’ luminosity of
LHay = 4πR2∗σSBT 4Hay. (5)
The precise value of THay will vary from ∼ 3000 to 5000 K
depending upon stellar mass and opacity. Because the proto-
star we consider is metal-free, the opacity of the protostellar
atmosphere will differ from that of a Pop I or Pop II star, and
the resulting THay will tend to be marginally higher for Pop III
stars (e.g., Stahler et al. 1986a). We thus choose THay to be in
the upper end of this range and set it to 4500 K. The uncertain
value of initial Teff (from 3000 to 5000 K) corresponds to a
LHay that may vary by a factor of eight. However, a Teff even
in the upper end of this range will not lead to significant feed-
back until after the protostar leaves the Hayashi track. Our
simulation results are thus not sensitive to the choice of initial
Teff.
If the protostar grows sufficiently massive, we assume
it eventually transitions to the Henyey track (Henyey et al.
1955, see also Hansen et al. 2004), and will gradually contract
down to the main-sequence radius and commence hydrogen
burning. However, the protostellar system in our simulation
exhibits unusually low mass, and thus has much longer evo-
lutionary timescales than the more common high-mass Pop
III stellar systems. We thus do not follow sufficiently long
timescales for the protostars to reach these later stages, so we
do not discuss them here. Our protostellar model at these early
times predicts a typical L∗ and Teff of ∼ 100 L⊙ and 4500 K.
This luminosity can roughly double during periods of rapid
accretion due to the contribution from Lacc, while the corre-
sponding Teff will increase by a few hundred kelvins. At such
low Teff, the fraction of luminosity in the LW band is negligi-
ble. Combined with significant H2 shielding in the disk, LW
dissociation is unimportant at these early times.
3.2. Radial Evolution
As discussed in previous one-dimensional studies
(Stahler et al. 1986b; Omukai & Palla 2003; Hosokawa et al.
2010), a growing protostar initially undergoes an ‘adiabatic
accretion’ phase, where R∗ grows with mass. This continues
approximately while tacc < tKH, where
tKH =
GM2∗
R∗L∗
(6)
is the Kelvin-Helmholtz (KH) timescale and
tacc =
M∗
M˙
(7)
is the accretion timescale. The protostar will later begin KH
contraction approximately when tacc > tKH.
Hosokawa et al. (2010) modeled the evolution of a primor-
dial protostars growing at M˙ = 10−3M⊙yr−1. They found that,
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FIG. 1.— Physical state of the minihalo gas 3000 yr after the formation of the first sink particle. (a): Temperature versus number density n. (b): n versus
distance r from the main sink particle. (c): H2 fraction fH2 versus n. (d): H2 fraction versus distance r. Red line shows the radially averaged values of the same
quantities just prior to the formation of the first sink, as measured from the densest gas particle. Note the warm phase of gas at n & 107 cm−3 , where the gas has
been warmed through gravitational heating provided by the main sink. The peak at 30 AU in panel b is where gas is accreting onto the secondary sink particle.
particularly during the ‘adiabatic’ phase, accretion through a
geometrically thin disk will lead to smaller protostellar radii
than spherically symmetric accretion. The true accretion ge-
ometry is likely somewhere in between the idealized ‘disk’
and ‘spherical’ cases, with the infall beginning as nearly
spherical and growing gradually more disk-like over time.
Given the spherical accretion case described in Omukai &
Palla (2003, see also Stahler et al. 1986b), the radial evolu-
tion during the adiabatic accretion phase can be described by
the following expression:
RI,sphere ≃ 49R⊙
(
M∗
M⊙
)1/3( M˙
M˙fid
)1/3
. (8)
where M˙fid ≃ 4.4× 10−3 M⊙ yr−1, the fiducial accretion rate
used in the above-mentioned studies (see also Stacy et al.
2010).
If a protostar transitions from spherical to disk accretion,
the radial evolution during the ‘adiabatic accretion’ phase will
be significantly different from the purely spherical case. For
the range of accretion rates studied in Hosokawa et al. (2010),
after transitioning to disk accretion, the radius rapidly de-
clines due to the decrease in entropy brought to the stellar
interior. For pure disk accretion, this decline can be described
by
RI,disk ≃ R0
(
M∗
M0
)
−0.63
, (9)
where R0 and M0 are the protostellar mass and radius at the
point of transition from spherical to disk accretion. In our
case, the protostar’s accretion is disky even from initial sink
formation, so we simply use the initial sink mass to set M0 =
0.045 M⊙. Following the disk accretion model of Hosokawa
et al. (2010; their figure 4), we approximate R0 = 1.7M(−1/3)∗ =
5 R⊙.
We subsequently set our radius in between the spherical and
disk cases such that
RI = αRI,sphere + (1 −α)RI,disk . (10)
If the radial decline is unphysically rapid (R˙ < −R/tKH), we
limit the rate of contraction to be R˙ = −R/tKH. The radial de-
cline will continue until deuterium burning begins in the stel-
lar interior, thus increasing the average entropy within the star,
which occurs when Tint > 2× 106 K. After this point the pro-
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FIG. 2.— Velocity profile of the gas just prior to initial sink formation.
Solid line is the magnitude of the radial infall velocity vrad, averaged within a
range of logarithmic radial bins. Dashed line is the average rotational velocity
vrot within these same bins. Dash-dot line is the free-fall velocity vff based
upon the enclosed mass at each radius. Dotted blue line is the turbulent Mach
number Mturb, which corresponds to the right-hand y-axis scale. The values
of vrad are low compared to vff, and the magnitude of vrot dominates over vrad
over all distances shown.
tostar again undergoes a roughly adiabatic expansion. When
a maximum radius is reached (see Hosokawa et al. 2010), KH
contraction to the main sequence will begin. However, our
simulations do not follow the protostellar growth to these later
stages because we are examining an atypical low-mass case in
which the protostellar evolutionary timescales are very long
compared to those of more massive protostars.
In our model R∗ expands to nearly 30 R⊙ over the first few
hundred years during a period of more spherical-type accre-
tion. After a transition to more disk-type accretion, R∗ grad-
ually declines as R˙ = −R/tKH down to ∼ 15 R⊙ by the end of
the simulation.
4. RESULTS
4.1. Initial Minihalo Collapse
The chemical and thermal evolution of the central minihalo
gas up to the formation of the first sink particle is depicted
by the red lines in Figure 1. The minihalo is in place by
z = 15, and the subsequent evolution is similar to that of pre-
vious work (e.g., Yoshida et al. 2006; Greif et al. 2011). The
gas is heated through adiabatic compression as it approaches
densities of 108 cm−3. After this point, three-body reactions
rapidly increase the H2 fraction, such that the correspondingly
enhanced cooling rate is similar to the combination of the H2
formation heating rate and adiabatic heating rate due to col-
lapse, yielding a roughly isothermal evolution. The gas be-
comes fully molecular by densities of 1010 cm−3, forming a
∼ 1 M⊙ molecular core. Above these densities the H2 cooling
is no longer optically thin and the gas gradually heats again to
∼ 2000 K by n = 1016 cm−3, at which point the first sink par-
ticle forms.
The velocity structure of the central 10,000 AU is shown in
Figure 2. Within each logarithmically-spaced radial bin, we
take vrad and vrot as the mass-weighted average of the indi-
vidual particle velocities within each bin. Both the radial and
rotational gas velocity vrad and vrot are on the order of half of
vff, where vff is the free-fall velocity based upon the enclosed
mass at the given radius. The gas has a substantial amount
of rotational support such that vrot dominates over vrad and is
approximately half of the Keplerian velocity vKep.
In a similar fashion, we measure the turbulent Mach num-
ber, Mturb, over the same range of radial bins according to:
M2turbc
2
s =
∑
i
mi
M
(
~vi −~vrot −~vrad
)2
, (11)
where cs is the sound speed of the radial bin, mi is the mass
of a gas particle contributing to the bin, and M is the total gas
mass of the bin. The central 10,000 AU of gas are character-
ized by subsonic and nearly sonic turbulence.
4.2. Comparison with Other Minihalos
4.2.1. Global Minihalo Characteristics
As will be discussed in Section 4.3, our simulated Pop III
system has an unusually low accretion rate. We here ex-
amine whether this is due to the characteristics of its host
minihalo. We first measure the evolution of the virial mass
of the minihalo considered here, and compare to four other
minihalos taken from the cosmological simulations presented
in Greif et al. (2012) and Stacy & Bromm (2013), where we
have chosen the minihalos hosting the most rapidly and most
slowly accreting stellar systems from each of those two stud-
ies. We determine which particles reside in the halo by first
locating the simulation region’s densest gas particle, or hy-
drodynamic mesh element in the case of the AREPO simula-
tions. Making the simple assumption that this point marks the
center of the halo, the extent of the halo was determined by
finding the surrounding spherical region in which the average
DM density is 200ρb, where ρb ≃ 2.5× 10−30 (1 + z)3 g cm−3
is the redshift-dependent background density.
The minihalo of our simulation has the minimum neces-
sary mass of Mhalo . 106 M⊙ before gas condensation and H2
cooling begins, and this is very close to the mass of other Pop
III star-forming halos (Fig. 3). However, it does not reach
this minimum Mhalo until the relatively late time of z = 15. By
this redshift, Hubble expansion has reduced the density of the
background universe, leading to a slower accretion rate from
the surrounding cosmic web. In particular, the average DM
accretion rate M˙DM of our minihalo is 3× 10−3 M⊙ yr−1, as
compared to the more typical rate of 10−2 M⊙ yr−1 for mini-
halos which collapsed at z ∼ 30. Employing this same red-
shift range and MDM = 5×105 M⊙, we find that our measured
M˙DM values are in excellent agreement with analytical fits de-
termined from other numerical simulations, e.g.
M˙DM ≃ 35(1 + z)2.2 M1.0712 M⊙yr−1, (12)
where M12 = MDM/1012M⊙ (Genel et al. 2008). Though the
above estimate was orignally derived from simulations of
much larger-mass halos, it also applies accurately to our
minihalos. Genel et al. (2008) furthermore find that the
above expression agrees well with the general predictions
of extended Press-Schechter (EPS) theory (Press & Schechter
1974; Mo & White 1996; Lacey & Cole 1993, see also
Neistein et al. 2006). As numerically confirmed in Gao et
al. (2005; e.g., their figure 1), the Press-Schechter formal-
ism indeed accurately predicts the accretion rate of miniha-
los with Mhalo ∼ 106 M⊙. They found an accretion rate of
∼ 2.5× 10−2 M⊙ yr−1 for their z = 50 minihalo when it was
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FIG. 3.— Left: Evolution of the DM mass of various simulated halos over time, as measured in terms of age of the universe. Right: Concurrent evolution of
the baryonic mass within the halos. The red line represents the z = 15 minihalo of our simulation. The black dotted line represents the Stacy & Bromm (2013)
minihalo which had the lowest overall stellar accretion rate, while the black dashed line represents that which had the greatest accretion rate. Green dotted and
dashed lines additionally show the growth of the two minihalos from Greif et al. (2012) which had the lowest and highest accretion rates, respectively.
FIG. 4.— Radial profiles of various gas properties with respect to the highest-density particle, just prior to the initial protostar or sink particle formation. In all
panels, dashed and dotted lines represent minihalos from simulations presented in Stacy & Bromm (2013) and Greif et al. (2012), as described in the previous
figure. Upper left: Number density vs. radius. Upper Right: H2 fraction vs. radius. Lower Left: Profile of sound speed cs. Lower Right: Profile of vrad. The
combination of smaller sound speed, as well as lower |vrad| and number density, lead to unusually low accretion rates within our z = 15 minihalo as compared
with those from other studies.
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FIG. 5.— Top: Estimated spherical accretion rate M˙sph over a range of
distances from densest gas particle, just prior to protostar or sink particle for-
mation. Line styles have the same meaning as in previous figures. Note that
the combination of reduced density and |vrad| within the inner few 105 AU
(∼ 0.5 pc) leads to lower accretion rates than typically found in primordial
gas. Bottom: Level of rotational support frot = vrot/vKep throughout the gas
at this same time. Note that the two most rapidly accreting systems (green
and black dashed lines) are also the only two systems with extended regions
of very low rotational support ( frot < 0.5).
collecting the bulk of its mass, which in turn corresponds well
with the above equation’s prediction of ∼ 2× 10−2 M⊙ yr−1.
This further confirms the expected larger growth rates of these
rare-peak and high-redshift minihalos (e.g., Reed et al. 2005).
The gas mass within the minihalo, which we take simply as
all gas within the halo virial radius with n > 1 cm−3, grows at
average rates which range from Mgas = 10−4 M⊙ yr−1 for our
minihalo to 10−3 M⊙ yr−1 for the earlier-collapsing minihalos.
This may be compared to the growth rate found in previous
studies, e.g.
M˙gas ≃ 6.6(1 + z)2.25 M1.1512 f0.165M⊙yr−1, (13)
where f0.165 is the baryonic fraction in the halos in units of
the cosmological value fB =ΩB/ΩM = 0.165 (e.g., Dekel et al.
2009, see also Faucher-Giguère et al. 2011). Assuming
f0.165 = 1 we find that, over the redshift range z = 15 − 30, M˙gas
ranges from 2 to 7× 10−4 M⊙ yr−1. Thus, for a given DM
halo mass (e.g. Mhalo = 106 M⊙), the rate at which both DM
and gas will fall into the gravitational potential well will vary
by nearly an order of magnitude over this redshift range. This
corresponds to the nearly factor of ten reduction in ρb as the
universe expands over redshifts z = 30 to z = 15.
The variation in collapse redshifts seen in these simulations
stems from differences in sizes of the cosmological box that
was used. The Greif et al. (2012) and Stacy & Bromm (2013)
simulations employed box sizes of 500 kpc and 1.4 Mpc (co-
moving), and were thus able to capture larger ‘νσ peak’ fluc-
tuations, where σ is the standard deviation in the Gaussian
random field of primordial density fluctuations. ΛCDM the-
ory predicts that at z∼ 30, a 106 M⊙ halo corresponds approx-
imately to a 3σ peak (e.g., Loeb 2010; Bromm 2013). Our
smaller box size of 200 kpc (comoving) captures only 1-2σ
peaks, which instead corresponds to a later collapse redshift
of z∼ 15 for a 106 M⊙ halo.
4.2.2. Star-forming Core Characteristics
Along with slower overall halo gas accretion in the z = 15
minihalo, we find a reduced gas accretion rate within the cen-
tral parts of the minihalo as well, which may be roughly es-
timated through the gas soundspeed cs (Figure 4). Although
we find good agreement in cs beyond 105 AU (∼ 0.5 pc), there
is divergence in cs in the inner regions. In our simulation the
sound speed of the gas within 104 AU is ∼ 3 km s−1. This
is slightly less than that seen in some of the comparison ha-
los, ∼ 4 km s−1 (Figure 4). Making the simple estimate that
the Jeans mass is infalling at the free-fall rate, we can scale
the accretion rate with soundspeed as M˙ ≃ c3s/G, similar to
the Shu (1977) similarity solution for collapse of a singular
isothermal sphere. From this we may predict accretion rates
ranging from ∼ 6× 10−3 M⊙ yr−1 for the z = 15 minihalo to
∼ 1.5× 10−2 M⊙ yr−1 for the higher-redshift halos.
Other properties of the gas, such as the density profile and
H2 fraction (lower panels of Figure 4), show interesting vari-
ation between minihalos, as well. At distances greater than
100 AU, the H2 fraction can vary by approximately an order
of magnitude, though in each star-forming cloud the gas is
fully molecular within the central 100 AU. We do not find an
exact correlation between H2 fraction and cs. However, our
z = 15 minihalo generally has the lowest H2 fraction at dis-
tances greater than 1000 AU as well as nearly the lowest tem-
peratues at all distances. The gas density is unusually small as
well. Though for each star-forming core the density roughly
follows a ρ ∝ r−2 profile, beyond 20 AU the z = 15 minihalo
profile is normalized to smaller values than the others. At
some radii the gas density is an order of magntiude lower than
the minihalo with the highest density.
As shown in Figures 4 and 5, we may also approximate the
spherical accretion rate M˙sph that results from the density and
radial velocity profiles, which is appropriate when consider-
ing gas within the minihalo where the density profile is more
spherically symmetric. We estimate M˙sph within a range of
radial bins as:
M˙sph = 4πr2ρvrad, (14)
where r is the distance as measured from the densest gas par-
ticle, and vrad is the average radial velocity of gas within the
radial bin. As is apparent in Figure 4, between 100 AU and
105 AU (0.5 pc) the gas within our minihalo typically infalls
at vrad ∼ 1 km s−1, several times smaller than vrad ∼ 4 km s−1
as seen in the most rapidly growing halos. Together with the
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gas density this yields a gas accretion rate between 100 and
105 AU that ranges from ∼ 6× 10−4 M⊙ yr−1 to ∼ 3× 10−3
M⊙ yr−1, approximately an order of magnitude less than the
accretion rates found in the high-redshift halos. For all mini-
halos, M˙sph is also substantially lower than the accretion rate
estimated from cs, indicating that angular momentum support
slows gas infall. We furthermore note that the halo which
formed at the second-most recent redshift (green dotted lines
in Figures 3 to 5) has DM and gas accretion rates and M˙sph
values which are intermediate between the z = 15 minihalo
and the highest-redshift halos.
These results may indicate a correlation between collapse
redshift and rate of mass infall even on small scales. How-
ever, Gao et al. (2007) found that while gas within higher-
redshift halos will indeed reach protostellar densities in
shorter timescales, there was no subsequent correlation be-
tween formation redshift and instantaneous accretion rate at
the densities they resolved (1010 cm−3). O’Shea & Norman
(2007) even find that Pop III star-forming regions which form
later have higher maximum accretion rates, the opposite trend
to ours. They attribute this to the increasing virial temperature
of halos with redshift, Tvir ∝M2/3vir (1 + z). In their chain of rea-
soning, this would lead to warmer overall gas temperatures as
the minihalo first collapses, yielding more rapid H2 formation
rates. The higher H2 fraction in turn would lead to cooler gas
in the cores of the halos, and thereby slower accretion rates.
In Figure 4, however, we find a counter example to this. A
relativly high-redshift minihalo with an enhanced H2 fraction
(black dashed line) in fact has the warmest temperatures in
both the core and outer region, and in some regions beyond
100 AU, it also has the highest accretion rates.
Gao et al. (2007), on the other hand, emphasize the impor-
tance of angular momentum. They find that as gas collapses
its properties become independent of the global properties of
the halo, and that more disk-like and rotationally supported
inner star-forming clouds will have lower accretion rates. In
the bottom panel of Figure 5 we compare the levels of rota-
tional support throughout the halos, defined as frot = vrot/vKep,
where vKep =
(
GMenc/r
)1/2
. The z = 15 minihalo has frot ∼ 0.6
over several orders of magnitude in distance. The other two
more slowly-accreting systems (green and black dotted lines
in Figure 5) also maintain high frot between 10 and 106 AU,
with frot consistently greater than 0.6. In contrast, the two
most rapidly accreting systems (green and black dashed lines)
have extended regions where frot falls below 0.5. Thus, sim-
ilar to the conclusions of Gao et al. (2007), angular momen-
tum structure, combined with that of temperature and density,
plays a key role in the rate of gas infall.
Despite variation in level of rotational support, the specific
angular momentum profile of the central gas for each mini-
halo we examine, shown in Figure 6, all follow a similar
jtot ∝ Menc powerlaw. However, it is interesting to note that
the profiles of two most rapidly accreting halos (green and
black dashed lines in Figure 6) are normalized at nearly a fac-
tor of two lower than the minihalo of our simulation. The
greater rates at which the central gas flows inward (Figure 4),
as well as the reduced rotational support (Figure 5, bottom
panel), indicates that in these halos vrad dominates over vrot,
leading to higher accretion rates at the point of protostellar
formation.
As expected, the mass enclosed within a given radius is also
larger for those minihalos with less rotational support. The
resulting ratio of enclosed mass Menc to Bonnor-Ebert mass
MBE is larger as well (Fig. 7). We estimate MBE as
MBE ≃ 1000M⊙
(
T
200K
)3/2( n
104cm−3
)
−1/2
. (15)
MBE is similar to the Jeans mass, and a ratio of Menc to MBE
that is close to unity roughly indicates gravitational instability
of the gas.
We note that de Souza et al. (2013) also emphasize the in-
fluence of rotation on the Pop III IMF, finding from their cos-
mological simulation that the spin distribution of gas within
minihalos evolves with redshift. They employed the model
from McKee & Tan (2008) which used semi-analytic meth-
ods to find a relation between gas rotational support, effective-
ness of protostellar feedback, and ultimate protostellar mass.
Assuming one star per minihalo, de Souza et al. (2013) deter-
mine that the Pop III IMF should evolve to have lower peak
masses at lower redshift. However, they point out that corre-
lating spin with a Pop III IMF will be complicated by further
feedback effects and Pop III multiplicity.
Our results concerning the relation between angular mo-
mentum and protostellar accretion rate agree with the those of
Gao et al. (2007). The implication that the IMF may shift to
lower mass with lower redshift also shows a rough agreement
with de Souza et al. (2013), but for different physical rea-
sons. However, neither these authors nor O’Shea & Norman
(2007) simulated the evolving accretion rate of the protostel-
lar cloud after the first protostar formed. Our study allows
for this through the sink particle method. As will be further
discussed in Section 4.3, we find that the slower and more
rotationally-dominated gas infall within the z = 15 minihalo
later leads to reduced accretion rates on to the evolving stel-
lar system as well. In Figure 8 we compare total sink mass
after 5000 yr and the total angular momentum within the cen-
tral 200 M⊙ just prior to sink formation. We use the minihalo
of this work as well as the suite of ten minihalos presented
in Stacy & Bromm (2013). Some anti-correlation is appar-
ent, particularly in that the z = 15 minihalo has both the low-
est total stellar mass and the highest central angular momen-
tum. However, this trend does have significant scatter since
other processes such as turbulent angular momentum trans-
port and N-body dynamics will affect the growth rate of the
stellar cluster.
4.3. Evolution of Protostellar Disk
As the gas collapses and begins to form sink particles, it
also develops into a flattened disk structure (Figure 9). We
may estimate the dependence of the mass inflow rate inside
the accretion disk on density and temperature using the fol-
lowing:
M˙disk = 3πνΣ, (16)
where Σ is the disk surface density and ν is estimated based
upon the prescription introduced by Shakura & Sunyaev
(1973),
ν = αSSHpcs. (17)
Hp is the pressure scale height of the disk, and αSS is a non-
dimensional parameter ranging between ∼ 10−2 and 1, de-
pending on the nature of angular momentum transport in the
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FIG. 6.— Angular momentum profiles from various simulated miniha-
los, taken at the point of first sink or protostar formation. Solid red line
is taken from the simulation discussed here. Dashed black line is the most
rapidly accreting cluster from Stacy & Bromm (2013). Dotted black line is
the most slowly accreting cluster from Stacy & Bromm (2013). Green dotted
and dashed lines are taken from Greif et al. (2012) minihalos which had the
lowest and highest accretion rates, respectively.
disk. In Figure 10 we show the inner surface density pro-
file as measured within a thin 20 AU slice through the central
disk, measured just prior to the formation of the first sink par-
ticle. We compare with the same set of other minihalos as
previously discussed. Note that the length of 20 AU is chosen
because this is the resolution limit of the comparison miniha-
los first presented in Stacy & Bromm (2013). Even on scales
as small as 100 AU, the disk has surface densities as much
as three times lower than the comparison minihalos. From
Equation 16 we see that this leads to a correspondingly re-
duced disk accretion rate which persists well after the first
sink appears.
Let us roughly estimate αSS ≃ 0.1, and cs ∼ 3 km s−1, cor-
responding to a temperature of ∼ 1000 K. The disk scale
height at R = 100 AU may be estimated as Hp/R∼ cs/vrot(R).
From Fig. 2 we estimate vrot(R = 100AU)∼ 3 km s−1 and thus
Hp ∼ 100AU . We then find ν ∼ 5× 1019 cm2 s−1.
The surface density at 100 AU ranges from 30 to 100
g cm−1, yielding M˙disk rates which range from 2× 10−4 to
6× 10−4 M⊙ yr−1. Assuming the sinks grow at similar rates,
we would expect after 10,000 yr that the stellar systems would
reach a total mass of 2-6 M⊙. The lower end of this mass
range is within good agreement with the total mass accretion
rate seen in the simulation. However, the upper end is still
somewhat lower than the total sink masses found in other cal-
culations (Fig. 8). Further variations in M˙disk are likely to
come from differences in cs (i.e. warmer gas temperatures)
and αSS. This also indicates the approximative nature of our
calculation.
The range of accretion rates between the stellar disks also
widens over time, such that after 5000 yr the total disk mass
of the fastest-accreting halo from Stacy & Bromm (2013) is
a factor of ten greater than the total disk mass within our
z = 15 minihalo. To illustrate this, in Figure 11 we show the
resulting evolution of the disk mass, as well as the mass of
disks taken from the simulations of Stacy & Bromm (2013)
and Greif et al. (2012). In this figure, time is measured with
respect to when the first sink forms. Note that the disk evo-
lution of the green lines does not extend beyond a time of
zero because these were taken from simulations which did not
form sinks. The particular point that marks the transition from
the stellar disk to the outer envelope is somewhat ambiguous,
so to determine whether a gas particle is part of the disk we
choose the simple criterion that it must have n > 109 cm−3
and fH2 > 10−3. Therefore, only dense and molecular gas is
included. Compared to other studies, the z = 15 stellar disk
grows at a very low rate. The slow overall growth rate of the
mass of minihalo gas has translated to a slowly growing disk
as well. The second-most slowly growing disk (green-dotted
line in Figure 11) similarly belongs to the second-most slowly
growing comparison minihalo.
We briefly note that as mass falls onto the sink, a portion
of the gas gets heated to the virial temperature Tvir of the sink
through release of gravitational potential (Fig. 1). Given a
sink mass of 0.2 M⊙ and using the accretion radius of 1.0
AU, we find a temperature of
Tvir ≃
GMsinkmH
kBracc
≃ 104 K.
This ‘warm bubble’ of neutral gas expands at its sound speed
of cs . 10 km s−1. Thus, by ∼ 5000 yr the warm bubble has
reached a distances of approximately cst = 10,000 AU, which
corresponds to gas of density n∼ 107 cm−3. This warm phase
of gas is visible in Figure 1 (see Turk et al. 2010 for further
discussion of this warm and neutral gas phase).
These disk properties lead to very low sink accretion rates
(Fig. 12). The disk gas fragments to form a second and third
sink 600 and 900 yr after the first sink has formed, and two
more between 3000 and 4000 yr. During the simulation two
other sinks form but quickly merge with the initial sink. A
least-squares power-low fit to the growth rate of the three
largest sinks remaining at tacc ∼ 5000 yr yields
M∗,1 ≃ 0.61M⊙
(
t/1000yr
)0.23 (18)
M∗,2 ≃ 0.51M⊙
(
t/1000yr
)0.28 (19)
M∗,3 ≃ 0.62M⊙
(
t/1000yr
)0.32 (20)
Extending these power laws to 1 Myr, a typical accretion time
for low-mass stars, these sinks would then reach 3.1, 3.5, and
5.7 M⊙. A similar approximation for the growth of the least-
massive sink predicts a late-time mass of 0.4 M⊙.
It is uncertain how many more protostars will form at later
times and what masses they would reach, since we do not fol-
low the simulation for sufficient time to track the longer-term
evolution of the disk and surrounding ∼ 1000 M⊙ core as
the protostars grow. As can be seen in Figure 7, the ratio of
Menc to MBE has a peak at Menc . 1000 M⊙ and then a rapid
drop-off on larger scales. A similar drop off is seen at greater
Menc for the more rapidly accreting halos. This central sev-
eral hundred solar masses of material gravitationally infalls
toward the central regions at a relatively slow rate of . 10−3
M⊙ yr−1, leading to little change in the outer Menc profile after
5000 yr (see red dashed lines in Figure 7).
At the same time, the protostars followed in our simulation
are not projected to become massive enough to develop an HII
region that will blow away the gas. However, the luminosity
and LW emission of the protostars will still serve to heat and
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FIG. 7.— Left: Enclosed mass Menc versus radius for various minihalos at the point of first sink or protostar formation. Right: Ratio of Menc to Bonnor-Ebert
mass MBE versus Menc. Solid red line represents the simulation presented in this work just prior to initial sink formation, while the dashed red line represents this
simulation 5000 yr after sink formation. Other lines have the same meanings as in previous figures. Central point is taken as the most dense gas particle or most
massive sink. Minihalos with higher overall accretion rates and less rotational support have lower overall Menc at a given radius and a lower ratio of Menc to MBE.
FIG. 8.— Total mass accreted onto the stellar system after 5000 yr versus
the total angular momentum within the central 200 M⊙ of enclosed mass.
Angular momentum is measured just before the first sink forms. Values are
taken from this simulation (red asterisk) as well as the minihalos studied in
Stacy & Bromm (2013, filled circles). Note that the gas with the highest
angular momentum also has the lowest stellar mass and accretion rate.
stabilize the central gas, and the warm phase of the dense gas
will continue to grow (Fig. 1). We define the dense warm
phase as gas which has n > 109 cm−3 and fH2 < 10−3, such
that only non-molecular gas is included. This phase approx-
imately consists of ∼ 2 M⊙ of gas by the end of the simula-
tion. The diversion of gas to the warm phase instead of the
cool disk also helps to explain why Mdisk does not continue
to increase above ∼ 20 M⊙ after ∼ 2000 yr of sink accre-
tion. Even with such feedback effects, however, we cannot
rule out the possiblity that over the subsequent 105 to 106 yr,
gas inflow onto the disk will continue until a star reaches ∼
10 M⊙ and ionizes its surroundings. We conjecture that stel-
lar masses greater than 10 M⊙ will not be necessary to halt
slow inflow like that seen in our simulation, and that even if
we followed our simulation for very long times we still would
not see a Pop III star reach the more typical masses of 50-100
M⊙. This will be confirmed with future numerical work.
4.4. Evolution of Stellar orbits
During the disk evolution, the distance of the secondary
sinks from the main sink ranges from ∼ 1 AU to a few hun-
dred AU. In comparison, the occurrence of Roche-lobe over-
flow requires the size of one of the binary members to exceed
its Roche-lobe radius rL:
rL
a
= max
[
0.46224
(
q
1 + q
)1/3
, 0.38 + 0.2log10q
]
(21)
for 0 < q < 0.8 (Paczyn´ski 1971), where q is the binary mass
ratio, and a is the semi-major axis. For q = 0.1 we have rL =
0.2a, while q = 1 yields rL = 0.38a. This brackets the expected
range of mass ratios for our simulated binary system. For a
as small as 1 AU, we have rL ∼ 3 − 6×1012 cm, or 40-80 R⊙.
As AGB stars can reach well over 100 R⊙, this highlights the
possibility that an AGB Pop III star may transfer mass to its
companion.
This is a particularly interesting possibility for the lowest-
mass star, since it may experience additional close encounters
as it orbits through and around the stellar system. If such a
star remains below the ‘survival threshold’ of 0.8 M⊙ (Figure
12), it may be observable in the present-day as a primordial
AGB-enriched star in the Milky Way halo or nearby dwarf
galaxy. This smallest sink experiences close encounters with
the largest sink at, e.g., 1500 and 2500 yr (red line in right
panel of Figure 12) that nearly eject it from the disk. These
encounters occur when the sink has grown to only 0.25 M⊙
and has a velocity of ∼ 5 km s−1 relative to the disk. This is
not quite sufficient to escape the stellar system, however. It
is uncertain how much more it will grow as it continues its
orbit through the accretion disk, but it is still only 0.25 M⊙ at
the end of the simulation and may remain below 1 M⊙ over
its main-sequence lifetime (see also e.g., Johnson & Khochfar
2011 for further discussion).
We emphasize the speculative nature of the above scenario.
An AGB phase for the larger protostars of our system would
not occur until∼ 108 yr. It is at this later time that the smallest
protostar’s orbit would need to come within & 1 AU for mass
12 A. Stacy and V. Bromm
FIG. 9.— Density projection of central 500 AU of gas around first sink. Top and bottom rows are the x-z and x-y planes, respectively. From left to right, times
after sink formation are 3, 2000, and 3500 yr. Asterisk is the largest sink. Plus symbol is the second largest sink. Diamonds are other secondary sinks. Note the
rapid changes in the sink orbital motion and the structure of the protostellar disk.
FIG. 10.— Surface density profile of this simulation (solid red line) as
well as two selected minihalos from Stacy & Bromm (2013; black dotted and
dashed lines) and two from Greif et al (2012, green lines). Profiles are shown
just prior to the initial sink formation. Note that the Stacy & Bromm (2013)
calculations were resolved down to ∼ 10 AU, so we cannot calculate their
surface densities on scales smaller than this.
transfer to occur. While its orbit over the first 5000 yr ranges
between one and a few hundred AU, it remains uncertain how
the orbit will evolve over the much longer AGB timescales,
whether the star will undergo an ejection before this time, etc.
However, in our simulation we do still see the basic initial re-
quirements for our scenaro: that a slowly accreting low-mass
star is in close orbit around a larger star on track to eventually
FIG. 11.— Evolution of disk mass over time. Time is measured with re-
spect to the point at which a sink or protostar first forms. The solid red line
represents the disk mass for our z = 15 minihalo. The black dotted line rep-
resents the minihalo from Stacy & Bromm (2013) that had the lowest overall
stellar accretion rate, while the black dashed line represents that which had
the greatest accretion rate. Green dotted and dashed lines additionally show
the disk mass within two minihalos from Greif et al. (2012) which had the
lowest and highest accretion rates, respectively.
undergo an AGB phase.
The variable orbital motion of the sinks further contributes
to the high variability of the sink accretion rates. The
accretion rate onto the main sink, shown in Figure 13, is
nearly M˙ ∼ 10−2 M⊙ yr−1 for the first few hundred years,
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but quickly drops to . 10−3 M⊙ yr−1 with periods where
M˙ ∼ 0. As the sink orbits through the stellar disk, the value
of α is similarly variable, where α = 1 corresponds to radially
dominated gas motion towards the sink and α = 0 corresponds
to a rotationally dominated flow. Prior to 2500 yr, periods
where α is closer to one corresponds to periods of more rapid
accretion. In the latter half of the simulation when further
disk fragmentation occurs, α becomes significantly more
variable. On average, the main sink accretes at ∼ 2× 10−4
M⊙ yr−1.
5. INFLUENCE OF LYMAN-WERNER BACKGROUND
5.1. Overview
A photodisssociating LW background built up by earlier-
forming Pop III stars may slow or prevent the cooling and
collapse of the gas in our z = 15 minihalo. However, the effect
of such a background remains very uncertain. We first note
that our analysis shows it is not simply the redshift but also the
rotational structure of the gas that drives the unusually slow
infall rate onto this minihalo. There is substantial variation
in minihalo characteristics seen at all redshifts. This implies
that such a highly rotationally-supported, slowly accreting gas
cloud may also exist within some z = 20 − 30 minihalos.
When considering the effect of LW radiation, it is indeed
appropriate to focus on the global background radiation, as
opposed to radiation from a particular source. Given our box
size, the nearest minihalo "outside" of the box would be 200
kpc (comoving) away, or ∼20 kpc (physical) away. Works
by, e.g., Dijkstra et al. (2008) and Johnson et al. (2013) find
that it is only rare high-density regions where LW flux from
local sources will dominate over the global background, not
regions like that in our simulation. However, the quickness
with which this background will grow is very uncertain, and
depends upon the early Pop III IMF. For instance, the semi-
analytic models of Crosby et al. (2013) find that J21 is at least
∼ 1 at z = 15, where J21 represents units of 10−21 erg s−1 cm−2
Hz−1 sr−1. The simulations of Johnson et al. (2013), on the
other hand, find at this redshift that the overall J21 is an order
of magnitude lower, J21 ∼ 0.1.
It is furthermore possible that the concurrently growing
X-ray background from Pop III remnant black holes could
have an opposing effect to the LW background. For instance,
Jeon et al. (2012) find that the X-ray radiation from a high-
mass BH binary can provide positive feedback such that gas
collapse into distant minihalos is facilitated via H2 cooling
promoted by the strong X-ray emission. In contrast, semian-
alytic models by, e.g., Tanaka et al. (2012) find that the X-ray
heating of the IGM is a stronger effect than the associated en-
hancement of H2 formation in potential star-forming regions.
Simulations such as those in Machacek et al. (2003) and
O’Shea & Norman (2008), which found that the LW back-
ground delays gas collapse, did not account for the effect
of H2 self-shielding. They furthermore assumed a J21 that
was constant instead of gradually evolving. To properly in-
clude the effects of this background, we would need to under-
stand the still uncertain rate at which these backgrounds build
up, and we also would need to account for H2 self-shielding
within the minihalo.
The value of fshield represents the factor by which H2 ab-
sorption from the IGM and the outer parts of the minihalo will
reduce the local LW flux within the inner star-forming parts
of the minihalo. Figure 14 shows estimates of the average
fshield within the gas core of the minihalo, defined as the cen-
tral gas with densities within a factor of ten of the maximum
gas density nmax. We estimate fshield in the same manner as in
Johnson et al. (2013), in turn based upon Draine & Bertoldi
(1996) and Wolcott-Green et al. (2011):
fshield(NH2,T ) = 0.965(1 + x/b5)1.1 +
0.035
(1 + x)0.5
× exp
[
−8.5× 10−4(1 + x)0.5] , (22)
where x ≡ NH2/5×1014 cm−2, b5 ≡ b/105 cm s−1, and b is
the Doppler broadening parameter given by b ≡ (kBT /mH) 12
(see Johnson et al. 2013 for further details). By z . 25, fshield
will reduce the local LW flux by over an order of magnitude,
greatly helping to reduce any possible effects of the LW back-
ground.
We finally note that we do not argue that Pop III stars were
typically low mass, but that in rare environments, such a low-
mass formation mode could occur. This is potentially impor-
tant as it would allow observers to detect such Pop III fossils
as surviving stars in our local cosmic neighborhood (stellar
archaeology). The standard picture to date has been that Pop
III stars always grow to masses that would have led to their
death a long time ago. Because the strength of the LW back-
ground is subject to huge uncertainties, including spatial fluc-
tuations and local opacity, conditions such as those simulated
here cannot be excluded.
5.2. Numerical Tests
We further numerically examine LW effects with a set of re-
simulations of the initial minihalo collapse, beginning from
z = 50, but this time including a LW background. We fol-
low the gas collapse up to the point just before sink formation
(n = 1016 cm−3), but we did not have sufficient computational
resources to follow the gas evolution further. The LW back-
ground grows with time as
J21 = J21,0× 10−(z−z0)/5, (23)
where J21,0 is a normalization parameter set to range from 0.1
to 10, and z0 = 10. When J21,0 = 1, we obtain a good fit to
the LW background evolution presented in Figure 1 of Greif
and Bromm (2006; see also Pawlik et al. 2013). From this we
apply a photo-dissociation rate of
kH2 = 1.38× 10−12 fshield J21 s−1. (24)
We find that the LW background initially serves to delay
minihalo collapse. For the more extreme J21,0 = 10 case, the
minihalo gas still has not collapsed at z = 13.3. At this time the
densest gas has densities of only n = 10 cm−3. To save compu-
tational time we did not follow this simulation further. How-
ever, we conclude that at such high J21,0 values the gas evo-
lution is significantly altered. Gas collapse will likely occur
only once the minihalo reaches higher mass and virial tem-
peratures of ∼ 104 K. Gas fragmentation may be suppressed,
and the gas may collapse directly into a black hole (see e.g.,
Oh & Haiman 2002; Bromm & Loeb 2003).
The gas evolution is much less affected for the more phys-
ically realistic value of J21,0 = 0.1, in which case collapse to
sink particle densities of n = 1016 cm−3 is delayed by 1.7×106
yr. In Fig. 15 we show the state of the gas at the point that
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FIG. 12.— Left: Sink growth over time. Solid line represents the first and largest sink. Dotted line is the growth of the second-largest sink, while the other
three black lines depict the growth of the three remaining sinks that survive to the end of our simulation. The red line depicts the total sink mass over time. Blue
dash-dot line depicts the ‘survival threshold’, the maximum mass for a star that could survive to the present-day. Right: Distance of secondary sinks from the
most massive sink over time. Line styles refer to the same sinks as in the left panel, but with different colors for more visible contrast between lines.
FIG. 13.— Evolution of various properties of near-sink gas: Left: Accretion rate onto the main sink. Right: Value of α, where α = 1 corresponds to gas flowing
radially towards the sink, while α = 0 corresponds to a rotationally dominated flow. The sink initially forms from an already disk-like gas configuration, so α is
initially very low. Prior to 2500 yr, phases of more spherical motion around the sink generally correspond to periods of more rapid accretion.
FIG. 14.— Evolution of fshield with redshift within the gas core of the mini-
halo. Dotted line also shows the maximum gas density nmax.
the gas has reached n = 1016 cm−3 in each test simulation. For
J21,0 = 0.1 (solid black line in Fig. 15), the gas profile does not
significantly differ from the fiducial J21,0 = 0 case (red line in
Fig. 15). As expected, outside of 105 AU the H2 fraction is
reduced due to the LW background, while shielding is effec-
tive in the more central regions and even allows for a slightly
larger H2 fraction inside of 105 AU. In the inner 1000 AU,
the gas properties do not differ by more than a few tens of
percent, though the central densities and estimated spherical
accretion rate (see Equ. 14) are somewhat enhanced. The en-
closed mass at all given radii, as well as the ratio of Menc to
MBE, are also slightly larger (Fig. 16). This leads to a slightly
higher overall disk mass as the gas approaches n = 1016 cm−3,
when Mdisk ∼ 20 M⊙ as opposed to ∼ 16 M⊙ in the fidu-
cial case (Fig. 17). Note, however, that these values of Mdisk
and M˙sphere are approximately half to a tenth as large as those
found in the other minihalos discussed in Section 4.2. Thus,
under a small J21,0 = 0.1 background we would still likely find
an unusually low-mass Pop III system, though probably more
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massive than the fiducial case.
For J21,0 = 1, the differences are more significant (dashed
line in Fig. 15). Collapse is delayed by 3.3× 107 yr before
the gas finally reaches the sink density of n = 1016 cm−3. The
H2 fraction is approximately half of that found in the fiducial
case at distances greater than 104 AU. However, inside 104
AU shielding becomes very effective, and the H2 increases
more rapidly than the other test cases as the radius declines.
In the central 104 AU the gas density, sound speed, and in-
fall velocity are all reduced, and M˙sphere is up to an order of
magnitude below the fiducial case. The enclosed mass at all
given radii is also reduced by up to a factor of a few (Fig. 16).
The central 30 Menc has a higher ratio of Menc to MBE, but
outside of this region the ratio is much reduced and the gas
is more gravitationally stable. Overall, this leads to Mdisk ∼ 5
M⊙, when n = 1016 cm−3, several times smaller than the other
cases.
When comparing these simulations at the same peak densi-
ties, but not at the same physical time, the effect of increasing
the LW background is not monotonic. For the more realistic
values of J21,0 = 0.1 or 1, we find central accretion rates that
are either slightly enhanced or significantly reduced. In these
cases the LW background does not seem to change our gen-
eral finding of a minihalo which hosts a system of very slowly
accreting Pop III stars.
6. DISCUSSION AND CONCLUSIONS
We present a three-dimensional simulation of the forma-
tion and growth of a Pop III stellar system. This calcula-
tion was initialized on cosmological scales while resolving
lengths as small as 1 AU. We found that the host minihalo
formed at an unusually low redshift of z = 15, leading to a
low DM and baryonic accretion rate as well as a low-mass
and slowly-growing stellar system. The stars in the system
can be expected to reach ∼ 0.5 to 5 M⊙ after 1 Myr. This
is nearly an order of magnitude slower than rates typically
found within z & 20 stellar systems (e.g., Stacy et al. 2010;
Greif et al. 2011; Smith et al. 2011). We additionally find that
a LW background as high as J21,0 = 1 will not significantly
change our finding of uncharacteristically small infall rates
onto the central star-forming region of our minihalo.
It is uncertain how common such low-mass Pop III sys-
tems will be. The minihalo we present here hosts the slowest-
accreting Pop III system of approximately 10 minihalos which
are included in our comparison in Section 4. Hirano et al.
(2014) use approximately 100 minihalos from cosmological
simulations to initialize two-dimensional simulations of Pop
III stellar growth under feedback. Only one star can be fol-
lowed per minihalo, and in this case their smallest star is ex-
pected to grow to∼ 9 M⊙. Were they able to follow fragmen-
tation within this particular minihalo, it is possible that the
stellar mass may have instead been distributed among several
stars of lower mass. We thus make a very rough estimate that
one out of a few tens to one out of 100 minihalos will host
a low-mass system similar to what we find in our simulation.
Considering that the mass of 105 to 106 minihalos will ulti-
mately become incorporated into a Milky Way-type galaxy, it
is conceivable that on the order of thousands of Pop III stars
from such low-mass systems may exist in the nearby Galactic
halo.
Further study will be necessary to more precisely deter-
mine how common such low-mass Pop III systems are and
whether our z = 15 Pop III system indicates a more gen-
eral transition in the Pop III IMF from z ∼ 30 to ∼ 10, or
if our particular minihalo was an unusual case even for its
low redshift. While minihalo comparisons of other works
do not find this same transition in accretion rate (Gao et al.
2007; O’Shea & Norman 2007), the numerical analyses by
de Souza et al. (2013) do find a transition in the spin distribu-
tion of gas within minihalos as redshift declines. According
to the semi-analytic model of McKee & Tan (2008), such dif-
ferences in rotational support will in turn lead to differences
in the protostellar feedback and the final mass reached by the
protostar. de Souza et al. (2013) argue that this will cause the
Pop III IMF peak to shift to lower mass with lower redshift.
This remains to be tested with more physically detailed simu-
lations.
Understanding the Pop III IMF evolution with redshift
will additionally require a greater knowledge of how the
build-up of global background radiation as well as magnetic
fields proceeded at this redshift (e.g., Schleicher et al. 2010;
Schober et al. 2012; Turk et al. 2012). Understanding how
the IMF evolved to later times is particularly important given
that recent work has indicated that metal-free gas will indeed
survive to relatively low redshift. For instance, Simcoe et al.
(2012) reported observations of extremely low metallicity or
possibly metal-free gas within a z ∼ 7 damped Ly-α system,
while Fumagalli et al. (2011) reported the detection of metal-
free gas within Lyman-limit systems at z& 3. Numerical work
(e.g., Muratov et al. 2013, see also Scannapieco et al. 2005)
has similarly indicated that Pop III star formation can con-
tinue to z ∼ 6. Our preliminary tests presented in Section 5,
however, indicate that for a range of LW backgrounds our Pop
III system will still undergo unusually low accretion rates.
AGB stars are important to understanding the
early chemical evolution of the galaxy (e.g., Karakas
2010; Campbell & Lattanzio 2008; Karakas 2010;
Karakas & Lugaro 2010). They are known to produce
significant quantities of carbon, nitrogen, and s-process ele-
ments. (Busso et al. 2001; Siess et al. 2002; Siess & Goriely
2003). They may also help to explain the observation
of large amounts of dust in high-z galaxies and quasars,
which implies rapid dust production in the early universe
(Bertoldi et al. 2003; Valiante et al. 2009; Gall et al. 2011).
Our results reveal a pathway for such AGB star formation
within primordial gas. In particular, the larger 3-5 M⊙ stars
of our simulation are sufficiently short-lived to undergo a
metal and dust-enriching AGB phase by z > 6, while the
smaller . 1 M⊙ star is long-lived enough that it may still
be observed as carrying the enrichment signatures of its
larger companions. The physical scenario suggested by our
simulations may indeed explain the abundances of certain
metal-poor stars in the Milky Way halo, particularly those
with unusual features in C, N, and O. Studies have found that
some of these may be Pop III stars which received material
from an AGB companion that is now a white dwarf (e.g.,
Suda et al. 2004, 2013).
Studies over recent years have found increasing complex-
ity in the nature of Pop III stars. Though dust and metal-
licity by definition do not play a role in primordial star for-
mation, other physical processes such as multiplicity (e.g.,
Clark et al. 2008; Stacy et al. 2010; Greif et al. 2011) as well
as the binary nature and rotation rate of Pop III stars (e.g.,
Stacy & Bromm 2013) will also be of crucial importance. In
addition, feedback (e.g., Hosokawa et al. 2011; Smith et al.
2011; Stacy et al. 2012) and magnetic fields play a central
role in Pop III protostellar accretion. However, our work
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FIG. 15.— Radial profiles of the central gas within our simulated minihalo under various strengths of LW background, measured when the gas has reached a
density of n = 1016 cm−3 in the respective simulations. Solid black lines denote the J21,0 = 0.1 case, while dashed lines represent J21,0 = 1. Red lines are taken
from the fiducial J21,0 = 0 simulation discussed throughout this work. Top Left: H2 fraction. Top Right: Electron fraction. Middle Left: Number density. Middle
Right: Sound speed. Bottom Left: Radial infall velocity. Bottom Right: Estimated spherical accretion rate (M˙sphere, see Equ. 14). The gas profiles are not
significantly altered for J21,0 = 0.1, though density, infall velocity, and M˙sphere are slightly enhanced. The J21,0 = 1 background surprisingly leads to the generally
opposite effect of reduced densities, sound speeds, and infall rates.
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FIG. 16.— Top: Enclosed mass Menc versus radius for our test cases at the
point when the maximum gas density first reaches 1016 cm−3. Solid black
lines denote the J21,0 = 0.1 case, while dashed lines represent J21,0 = 1. Red
lines are taken from the fiducial J21,0 = 0 simulation discussed throughout this
work. The central point is taken to be the most dense gas particle. Bottom:
Ratio of Menc to MBE versus Menc. Lines have same meaning as in the upper
panel. While the J21,0 = 0.1 case has slightly enhanced mass and Menc to MBE
ratio, these are somewhat reduced for the J21,0 = 1 case.
shows that even when such processes are not included in sim-
ulations, the differences in minihalo environments alone can
lead to substantial variation between primordial stellar clus-
ters. As shown by Jappsen et al. (2009, see also Dopcke et al.
2013), our work demonstrates that the transition to a low-mass
IMF will depend upon not only a critical metallicity (e.g.,
Bromm et al. 2001), but also upon the characteristics of the
primordial star-forming region.
We thus predict the rare existence of low-mass Pop III
stars that have survived until the present day, and that may
show evidence of enrichment from a companion’s AGB-
phase mass overflow. Continued improvements in simula-
tion techniques and computational power, as well as con-
straints provided by observations such as abundance mea-
surements of metal-poor stars in the Galactic halo and dwarf
galaxies (e.g., Beers & Christlieb 2005; Frebel et al. 2005;
FIG. 17.— Evolution of disk mass over time for J21,0 = 0, J21,0 = 0.1, and
J21,0 = 1. Line styles have the same meaning as in the previous figure. Time
is measured with respect to the time when the gas first reaches n = 1016 cm−3 .
The J21,0 = 0.1 background leads to a slightly enhanced Mdisk as compared
with the fiducial J21,0 = 0 model. The larger J21,0 = 1 background in fact leads
to Mdisk which is consistently several times smaller than the fiducial case.
Realistic LW backgrounds are therefore unlikely to change our overall finding
of unusually low Pop III accretion rates within our simulated minihalo.
Caffau et al. 2011; see also Karlsson et al. 2013), will pro-
vide an increasingly refined picture of the role Pop III stars
played in shaping the early universe. Ultimately, the question
of whether true Pop III survivors exist, e.g., in the guise of
AGB self-enrichment as suggested in this paper, is a question
that can be tested empirically. The potential for such stel-
lar archaeological constraints is demonstrated by the excit-
ing recent discovery by the SkyMapper Southern Sky Survey
of a star with no detected Fe-peak elements, but low abun-
dances of C, N, O (Keller et al. 2014). Indeed, the detected
abundance pattern closely resembles an AGB self-enrichment
pattern with the one crucial exception of an extremely low,
but non-zero, Ca abundance. The latter cannot be accommo-
dated with AGB enrichment, but instead points to the signa-
ture of supernova enrichment from a massive Pop III progen-
itor, rendering this extreme star second-generation. However,
the search for Pop III fossils is clearly within the reach of cur-
rent and upcoming surveys.
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